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Star Formation in N-body simulations
J.P.E. Gerritsen & V. Icke
We present numerical simulations of isolated disk galaxies including gas dynamics and star formation.
The gas is allowed to cool to 10 K, while heating of the gas is provided by the far-ultraviolet flux of all
stars. Stars are allowed to form from the gas according to a Jeans instability criterion: gas is unstable when
the Jeans mass is smaller than a critical mass, and stars form as soon as the gas remains unstable longer
than the collapse time. With these ingredients we are able to create a two-phase interstellar medium
(ISM) and our model gives realistic star formation rates (SFRs).
We investigate the influence of free parameters on the star formation. In order of decreasing importance
these are: ionization fraction of the gas (determines the cooling properties), initial mass function (controls
the heat input for the gas), collapse time for molecular clouds, and star formation efficiency.
In the simulations the star formation quickly settles a kind of thermal equilibrium of the ISM. This result
strongly favours the self-regulating mechanism for star formation.
The model yields a Schmidt law power dependence of the SFR on gas density (SFR / n) with index
n  1:3, in good agreement with observations.
The simulations show that star formation can only occur in the mid-plane of the galaxy, where the gas
is dense enough to cool below 100 K. The gas above the plane and outside approximately 6 radial scale
lengths is always warm (T > 8000 K), heated by the stellar photons. It suggests that radial truncation of
stellar disks is a thermal rather than a dynamical process.
Flocculent spiral structure is generally found in the cold gas and consequently also in the young stellar
population. It suggests that flocculent spirals are due to the dissipational nature of gas.
ASSIDUOUS study of spiral galaxies hasnot yet led to a detailed understanding
of their structure, formation and evolution. In
particular the physics regulating the forma-
tion of stars, and the connection to the global
properties of galaxies, is poorly understood.
From small scale studies we know that stars
form in cold molecular clouds with temperat-
ures below 100 K, but what process is govern-
ing the large scale star formation is not clear.
In the last few years several studies have
put observational constraints on models of
star formation. Kennicutt (1983, 1989) meas-
ured the H flux (which is believed to be
a measure of the current star formation rate
(SFR) of stars with masses in excess of 10 M

)
for a large sample of spiral galaxies and
found a dependence of the SFR on the total
gas density that is well described by a power
law with index n = 1:3 0:3. Recently Ryder
& Dopita (1994) obtained photometric CCD
imaging data for 34 spiral galaxies. From
their I, V and H images, they find a correl-
ation between the surface brightness in the I-
band (supposed to measure the surface dens-
ity of the old, low-mass stars) and the H
band. Their conclusion is that the stellar dis-
tribution largely controls the SFR and hence
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the mass distribution.
The theoretical understanding of star form-
ation on large scales and galaxy evolution
in general is still in its infancy. The prob-
lem is that a wide range of physical processes
is involved: gravitational dynamics, hydro-
dynamics, gas heating and cooling, and stel-
lar evolution. Since all these processes are in-
timately related, the subject is awfully com-
plicated, and is very hard to tackle analyt-
ically. Therefore, at this moment, numerical
techniques provide the best possibilities of
studying galaxy evolution. Especially the de-
velopment of N-body codes using a hierarch-
ical tree structure (e.g. Barnes & Hut 1986;
Hernquist 1987) is very promising as it does
not place any restrictions on spatial resolu-
tion or geometry, and the computing time
scales only as O(N log N). The Lagrangian
approach of smoothed particle hydrodynam-
ics (SPH; Lucy 1977; Gingold & Monaghan
1977) allows a straightforward inclusion into
N-body algorithms. A successful merger of
a tree code with an SPH code is TREESPH
(Hernquist & Katz 1989), which has been
used to study the evolution of galaxy mer-
gers (e.g. Barnes & Hernquist 1991; Mihos &
Hernquist 1994) and the formation of galaxies
(Katz & Gunn 1991; Katz 1992).
The next step is a proper description of star
formation in these numerical codes. The in-
clusion of star formation is difficult for vari-
ous reasons, both numerical and theoretical.
First of all, the physics governing star forma-
tion is not well understood. This means that
a description of star formation in numerical
codes must either be based on simple grav-
itational instability considerations or must
rely on an observational star formation “law”
from disk galaxies, where one has to assume
that the same law holds in other circum-
stances.
Second, there is a gap of a factor 107 or
so between the size of a galaxy and that of
a protostar globule. Since computing time
scales as the third power of spatial resolu-
tion, this gap will never be bridged. There-
fore we must make plausibility arguments for
all unresolved processes. Each of the con-
sequent assumptions is a legitimate target
for criticism. We try to minimise the dam-
age by choosing star formation criteria that
are based on global properties, and thereby
maintain a link between the behaviour of the
galaxy as a whole and the unresolved small-
scale processes. In particular – and we see
this as one of our main improvements – our
star formation recipe uses a Jeans criterion
for the gas as a whole, supplemented with
an estimate of the cloud collapse timescale.
Thus we forge a connection between the par-
ent galaxy and its small subclouds. In the
same vein we calculate cloud heating due to
the global radiation field.
Third, there is the computational task
of converting gas into stars, which implies
many new particles (e.g. Katz 1992; Nav-
arro & White 1993). A sophisticated method
has been developed by Mihos & Hernquist
(1994), in which gas particles evolve into hy-
brid gas/star particles and finally into stars,
thus keeping the total amount of particles
fixed, and yet without constraints on mass
conversion from gas to stars. A drawback of
their model is that the new star and its par-
ent gas particle are kinematically coupled un-
til the gas is entirely depleted.
An important point of concern is the im-
plementation of radiative heating and cool-
ing processes. Often gas is treated as an
isothermal gas. An early attempt to cre-
ate a truly multi-phase medium is given by
Hernquist (1989). Recently, Katz, Weinberg &
Hernquist (1996) expanded on previous work
and solve for the ionization equilibrium with
an ultraviolet radiation background. How-
ever in all these models gas is not allowed
to cool radiatively below 104 K (cooling to
low temperatures by adiabatic expansion is
often allowed), while we know from observa-
tions that stars are formed in cold, molecular
clouds with temperatures below 100 K.
In order to improve upon this situation, we
developed an algorithm in which the gas is
heated by the radiation from all stars. The res-
ulting radiation field is position and time de-
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pendent, since we follow stellar associations
during their evolution. The gas is allowed
to have temperatures between 10 and 106 K,
although these high temperatures are never
reached (we do not yet include supernovae
that could produce them). We use a Jeans
instability condition to localize star forming
regions, and scale the collapse time for an
unstable region directly to the free-fall time.
A stellar cluster is formed as soon as the
region is unstable longer than the collapse
time. In this way we have constructed a self-
consistent model where heating and cool-
ing are intimately coupled and direct feed-
back from star formation is insured. The
one major deficiency is that we do not solve
the equations of radiative transfer; heating
photons are assumed to percolate throughout
the galaxy.
In this paper we discuss the importance of
a variety of parameters on the outcome of
our simulations, and explore some interest-
ing consequences thereof. In x2.1 we give a
detailed description of the star forming al-
gorithm. We explore the parameter space in
x2.2.2 using a model for NGC6503. A de-
tailed analysis of the spatial effects of star
formation and the two-phase ISM is given
in x2.2.3. In x2.3 we interpret our results as
self-regulating star formation and we provide
a physical basis for stochastic star formation
and galaxy truncation.
2.1 Numerical technique
We model the evolution of galaxies us-
ing a hybrid N-body/hydrodynamics code
(TREESPH; Hernquist & Katz 1989). A
brief summary of the techniques pioneered
by these authors follows. A tree algorithm
(Barnes & Hut 1986; Hernquist 1987) determ-
ines the gravitational forces on the collision-
less and gaseous components of the galaxies.
The hydrodynamic properties of the gas are
modeled using SPH. The gas evolves accord-
ing to hydrodynamic conservation laws, in-
cluding an artificial viscosity for an accurate
treatment of shocks. Each particle is assigned
an individual smoothing length, hi , which
determines the local resolution and an indi-
vidual time step. Estimates of the gas prop-
erties are found by smoothing over 32 neigh-
bours within 2h. We adopt the equation of
state
P = (   1)u; (2.1)
where P is the pressure,  the density, u the
thermal energy density, and  = 5=3 for an
ideal gas. In the Lagrangian formulation of






r~v+ (Γ  Λ); (2.2)
where ~v is the velocity, and (Γ  Λ) repres-
ents the energy sources and sinks.
The cooling term Λ in Eq.(2.2) describes
radiative cooling of the gas and is sensitive
to the chemical abundances. We do not al-
ter this composition, but instead we assume
a hydrogen gas mix with a helium mass frac-
tion of 0.25. For this “standard” gas, cooling
functions can be found in the literature (e.g.
Dalgarno & McCray 1972). We parametrize
the cooling function as





] ergs cm 3 s 1;
if log T  6:2 (2.3)
and
Λ = 1:0 10 22:7 n2H ergs cm 3 s 1;
if log T > 6:2; (2.4)
where T is the temperature in Kelvin. The
second term on the right hand side of Eq.(2.3)
determines the cooling below 104 K. This part
of the cooling function is strongly dependent
on the ionization parameter x = ne=nH. We
parametrize this part of the cooling function
with a and b. Values can be found in Table 2.1.
Since we do not solve the ionization balance,
we choose the ionization parameter a priori.
The largest contributor to the gas heating
Γ is photoelectric heating of small grains and
PAHs (see e.g. Wolfire et al. 1995). The heat-
ing rate is given by
Γ = 1:0 10 24 G0 ergs s 1; (2.5)
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TABLE 2.1— Cooling function parameters
a, b for various ionization parameters x.





where  is the heating efficiency and G0 is the
incident far-ultraviolet (FUV) field (91.2 nm
to 210 nm) normalized to Habing’s (1968) es-
timate of the local interstellar value (= 1:6
10 3 ergs cm 2 s 1). The heating efficiency
 ' 0:05 for temperatures below 10000 K.
Since at about 104 K the cooling increases
more than a factor 103, this temperature is ef-
fectively an upper limit to the gas temperat-
ure, virtually independent of the heat input.
During the simulations the cooling time
in some regions can become much shorter
than the SPH time step, which is determ-
ined by the Courant-Friedrichs-Levy (CFL)
condition. If the cooling time is very short
the gas will reach thermal equilibrium within
the SPH time step. Therefore, in those
regions where ∆tc < 0:1∆tCFL we enforce
thermal equilibrium by requiring Γ= Λ and
choose as time step ∆t = ∆tCFL. In other re-
gions we choose as particle time step ∆t =
min(∆tCFL;∆tc ). For these latter particles we
do not allow a particle to lose more than half
its thermal energy in one time step (Katz &
Gunn 1991).
Since the gas is heated mainly due to FUV
photons, we must calculate the stellar radi-
ation field. Due to the limited resolution of
our simulations each star represents a stel-
lar association. Such an association will be
called a star particle, which we assume to be
formed instantaneously. That means that all
star particles have an age, but these ages dif-
fer from particle to particle. We can attrib-
ute to each particle an FUV flux according
to its age. For this we constructed look-up
tables with FUV fluxes using the population
synthesis models of Bruzual & Charlot (1993).
The FUV flux is dependent on the initial mass
function (IMF) of the stellar cluster and on
the lower and upper mass limits of the IMF.
Once we have adopted a specific IMF with
mass limits, we can calculate the FUV radi-
ation field by summing the FUV fluxes from
all stars, corrected for geometrical dilution
but not for extinction. The stellar FUV fluxes
inside the smoothing length are softened us-
ing the spline-kernel which is also used for
softening the acceleration (Hernquist & Katz
1989).
A single dynamical particle thus represents
an entire stellar association. We suppose that
this does not invalidate our models as long
as the dynamical disintegration of the associ-
ation takes more time than the main sequence
lifetime of its massive members, which con-
tribute most to the heating flux. This condi-
tion is normally fulfilled for the usual stellar
mass functions.
Extinction is probably not very important
below a hydrogen column density N  1:2
1021 cm 2 (Wolfire et al. 1995). As an ap-
proximation we can model the extinction as
exponential decay with distance (exp( R)),
where 1= is an absorption coefficient. Un-
less otherwise stated we will take  = 0 in
our calculations, which produces a transpar-
ent ISM.
2.1.1 From ISM to stars and back
Star formation is governed by the delicate
symbiosis between stars and the interstellar
medium. Stars influence the ISM by heating
it, due to FUV-radiation, stellar winds and su-
pernovae, while the ISM in return provides
the necessary material to form stars. In this
section we give a rough description of star
formation and the (local) ISM.
The local ISM consists of several compon-
ents: hot intercloud medium (105 K), H II
(104 K), warm intercloud medium (8000 K),
warm H I (8000 K), H I clouds (10   100 K)
and molecular clouds (5   30 K). The hot
and warm intercloud medium occupy almost
100% of the volume, equally divided. On the
other hand, the H I and H2 clouds contain
about 90% of the mass, with the other 10% in
the warm intercloud medium (Knapp 1990).
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The hot gas is probably heated by supernova
shocks, whereas the warm and cold H I and
H2 clouds are heated mainly by the photo-
electric ejection of electrons from dust grains
by the interstellar radiation field (Wolfire et
al. 1995).
Star formation occurs in giant molecu-
lar clouds (GMCs). These typically have
masses of a few 105   106 M

, temperatures
around 10 K and number densities in excess
of 103 cm 3 (e.g. Shu, Adams & Lizano 1987;
Bodenheimer 1992). GMCs do not collapse
as a whole, but fritter away as smaller sub-
clouds inside contract to form stars. Most
stars form in associations containing on the
order of 104 M

of stars. The collapse time
is some 10 times the free-fall time, because
the clouds cannot dissipate their internal en-
ergy fast enough to collapse at their free-fall
rates (Elmegreen 1992). The lifetimes of mo-
lecular clouds range from 107 yr for GMCs to
over 108 yr for dwarf molecular clouds (Shu,
Adams & Lizano 1987.
The formation of stellar associations inside
a GMC destroys the cloud within 10 Myr, due
to FUV radiation, stellar winds and super-
novae (Blaauw 1991). This behaviour is re-
flected in the star formation efficiency. On the
scale of stellar associations the efficiency may
be as high as 50%, while for GMCs it is only a
few percent (Bodenheimer 1992).
2.1.2 From ISM to stars numerically
The amount of physics in our simulations is
limited by the number of particles our com-
puters can handle, which is far smaller than
the number of stars and gas clouds in galax-
ies. We think that the most interesting gas
phases for star formation are the warm and
cold phases (10  104 K), while the hot phase
is of less importance for controlling the star-
gas life cycle. The cooling is described by a
standard cooling function between 10  106 K
(Dalgarno & McCray 1972). We do not solve
the ionization balance in detail, so we cannot
distinguish between cold neutral or molecu-
lar gas, and warm neutral and fully ionized
gas.
Since photoelectric emission from dust is
the most important heating source for the
cold and warm gas, we have to calculate the
stellar FUV radiation field. A star particle
in our simulations corresponds to a stellar
cluster, with a given IMF and age. Thus we
do not form individual stars, but only as-
sociations. If the stellar FUV radiation is
included, a direct feedback from new star
particles upon the ambient gas particles is as-
sured.
Another important feedback of star forma-
tion on the ISM is the energy injection into the
ISM by supernovae and stellar winds from
massive stars. Numerical studies conducted
by others have so far concentrated on the
feedback from supernovae (and ignored ra-
diative energy input from stars). This super-
nova energy has been modeled as thermal or
mechanical energy input. If it is modeled
(partly) as thermal energy, all studies agree
that there is little effect on the evolution of
the system since the energy is rapidly radi-
ated away (Katz 1992; Navarro & White 1993;
Friedli & Benz 1995). This is due to the cool-
ing properties of the gas, which limit the gas
to <

104 K. If no cooling below this temper-
ature is allowed, then the thermal energy in-
put indeed cannot have a large effect on the
evolution. Modeling the supernova energy
as mechanical energy poses other problems:
only a small fraction can be converted into
kinetic energy of surrounding gas particles,
otherwise even normal galaxies would expel
much of the gas (Mihos & Hernquist 1994;
Friedli & Benz 1995). Given the problems in-
volved with incorporating supernova energy,
and since we are not trying to model the hot
gas and do not return mass from stars to the
surrounding ISM, we do not include super-
nova energy in the present study, although it
will be included in future work. In this article
however, we focus on the effects of the stellar
heating on star formation.
In SPH simulations the particles sample
gas properties such as density and temperat-
ure. These particles cannot be correctly inter-
preted as gas clouds: only groups of particles
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can be considered as clouds. Bearing this
in mind we adopted the following recipe for













(e.g. Binney & Tremaine 1987) where s is the
sound speed of the gas and G the gravita-
tional constant. If this quantity is smaller
than the mass of a GMC the particle is in a
cold, dense environment, resembling a GMC
and we declare the particle to be part of a
(gravitationally) unstable cloud. Once a re-
gion is labeled unstable, it is allowed to form
star clusters. The first condition for an SPH
particle to form stars can thus be summarized
as:
MJ < Mc; (2.7)
where the critical cloud mass Mc is set a priori
and does not change during the simulations
(see also section 2.2.2).
Once a region is unstable, it takes a col-
lapse time to form a stellar cluster. This col-
lapse time is the most influential model para-
meter in our recipe and its value is uncertain.
The problem is mainly numerical. We know
that subunits inside GMCs exist, where dens-
ities reach values exceeding a few 100 cm 3
and temperatures fall below a few times 10 K.
Especially these high densities are beyond
the dynamical range of the present simula-
tions. Moreover new physics is involved in
forming these high densities, in particular the
self-shielding of molecular clouds (e.g. Van
Dishoeck & Black 1986). In these subunits
the collapse time is governed by the dissip-
ation time scale which we cannot estimate
due to the problems mentioned above. Given
all these uncertainties we couple the collapse
time simply to the free-fall time. In practice
this leads to collapse times of 107   108 yr,
which corresponds to the lifetimes for mo-
lecular clouds. In order to have some handle
on the collapse time tc , we introduce a scale
parameter fc ,





The second condition for an SPH particle to
form stars can now be stated as:
tu > tc; (2.9)
where tu is the time that the particle remains
in an unstable cloud.
As soon as an SPH particle has fulfilled
both conditions (Eq.(2.7) and Eq.(2.9)) part of




= SF Mc; (2.10)
where SF is the star formation efficiency
(SFE). We fix this efficiency at the begin-
ning of the simulation, so that all new star
particles have the same mass since Mc does
not change. The star particle gets the same
IMF as all other star particles, and age zero.
New star particles are then included in the
calculation of the radiation field; their emis-
sion evolves in time according to standard
stellar evolution.
To prohibit infinitely low-mass particles we
put a lower limit to the minimum mass of a
particle, Mp  0:1MSPH, where MSPH is the
initial mass of an SPH particle. If the mass
of a gas particle falls below this limit when
forming a star particle, it is totally converted
into stars.
The new star particle gets initial velocity
and acceleration equal to that of the parent
gas particle; its position is offset in a random
direction by an amount s∆t.
In summary, we devised the following re-
cipe. From our SPH particle distribution we
select conglomerates where the Jeans mass is
sufficiently below the aggregate mass. We
take this to mean that such regions resemble
GMCs. We follow them during their dy-
namical and thermal evolution and if an SPH
particle resides in such a region longer than
the collapse time, part of its mass is conver-
ted into a star particle. This star particle then
heats the surrounding gas as its stellar popu-
lation evolves, possibly inhibiting further star
formation.
In this way we have tried to minimise the
damage due to the inevitable lack of resolu-
tion by choosing star formation criteria that
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are based on global properties. Our recipe
uses a Jeans criterion for the gas as a whole,
supplemented with an estimate of the cloud
collapse timescale. Thus we forge a connec-
tion between the parent galaxy and its unre-
solved constituents. In the same vein we cal-
culate cloud heating due to the global radi-
ation field. Accordingly, even though an SPH
‘neighbourhood’ consists of 32 gas particles,
we can still pick a much smaller value (such
as 10 SPH masses) as the critical cloud mass.
We do not thereby claim that this mass scale
is resolved (it isn’t), but merely maintain that
only a small fraction forms stars. This is com-
pletely in keeping with the prevailing view
that star formation is a stochastic process
when seen from the large-scale perspective.
All the same it remains true that these asser-
tions must be verified numerically by chart-
ing the influence of the choices of various
parameters, which indeed we try to do.
2.2 Results
There are many parameters in our model that
can be changed: IMF with its mass limits, ion-
ization parameter, cloud mass Mc , collapse
time, star formation efficiency, and the num-
ber of particles. To obtain an estimate of
the relative importance of these parameters,
and of the sensitivity of our computations to
these values, we tested them with a model for
NGC6503 (see Bottema 1993 and Bottema &
Gerritsen 1997). This is an Sc galaxy with a
maximum rotation velocity of 120 km/s, star
formation taking place all over the disk, and





We assume an exponential stellar disk with
an isothermal z-distribution (e.g. Van der
Kruit & Searle 1982):
(R; z) = 0 exp( R=h) sech
2(z=z0); (2.11)
with measured radial scale length h

= 1:16
kpc and vertical scale height z0 = h=6 = 0:19
kpc. The disk is truncated at 5 scale lengths
(5.8 kpc).
The mass of the stellar disk is calculated
from the measured stellar velocity disper-
sions (Bottema 1989) assuming that the z-
dispersion, z is due to the surface density of






This implies a stability parameter Q  1:7






Particles are distributed according to the
density distribution (Eq. 2.11), and velocit-
ies are assigned according to the (gas) rota-
tion curve (with a maximum of 120 km/s)
corrected for asymmetric drift. Dispersions
in R; z;  directions are drawn from gaussian
distributions with dispersions of R;z ;

respectively, using the relations






with ! and  the orbital and epicyclic fre-
quencies respectively.
The gas surface density distribution is
modeled after the H I distribution,
Σg = Σ0(1  R=hg); (2.14)
with central surface density Σ0 = 10 M=pc2,
and radial extension hg = 14:5 kpc. In our
calculations we truncate the gas distribution
at 8 kpc, well outside the stellar disk, to save
computing time. This yields a total gas mass
1:26 109 M

. Gas particle velocities are ini-
tiated according to the rotation curve. Disper-
sions are drawn from gaussian distributions,
adopting an isotropic dispersion of 6 km/s.
A halo is included in the calculations as
a rigid potential. This is justified since the
galaxy evolves in isolation. As advantages
we do not have to make assumptions about
halo particle orbits, and we do not have to
spend time in calculating the force of the halo
particles on the galaxy. We assign an iso-





with central volume density 0 =
0:582 M

=pc3 and core radius rc = 624 pc.
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This will correctly put the maximum rotation
velocity at 120 km/s.
2.2.2 Parameter space
The influence of the model parameters on
global parameters such as the star formation
rate and cold gas fraction is tested by chan-
ging one parameter compared to a standard





Mc = 2:5 106 M




We use a Salpeter IMF with Mlow = 0:1 and
Mup = 125 M.
Initially all SPH particles get a temperat-
ure of 104 K, and all stars get an age of
300 Myr. At this age, the FUV flux of a
stellar cluster has dropped below 1% of its
maximum value. This assures an immedi-
ate cooling of the gas, but not too drastic-
ally. We let the simulations run for 1.5 Gyr.
The results for the different runs are sum-
marized in Table 2.2, where the first column
gives the parameter that has been changed
with respect to the default setting. The fol-
lowing columns give mean values for the in-
terval 300 Myr < t < 900 Myr (thus starting
after a period of 300 Myr, so that the sim-
ulations have reached approximate equilib-
rium). Column 2 gives the star formation rate
in M

=yr for the whole galaxy, column 3 the
total amount of cold gas, defined as having
a temperature below 1000 K, and column 4
gives the amount of gas left at the end of the
simulation.
Number of particles
Increasing the number of particles in steps
of a factor 2 up to 40000/80000 SPH/star
particles does not markedly influence the
mean SFR and the total gas mass converted
into stars. It has a small effect on the cold gas
fraction due to the increased resolution: SPH
particles can reach higher densities so that
the cloud lifetimes become shorter, leading to
less cold gas. However, since the free fall time
goes with the square root of the density, this
effect is not very large.
Given the consistency of SFR with number
of particles we do not have to run very ex-
pensive calculations to test all parameters. In-
stead we feel safe in testing the recipe using
5000/10000 SPH/star particles, which takes
about 60 CPU hours on a Sun SPARC20.
Cloud mass
Mc was chosen to be 10 times the mass of
an individual SPH particle, with all SPH
particles having the same mass initially.
Eventually one would like to have a number
for Mc , typically the size of a small GMC, say
105 M

. But numerical problems can arise
if Mc is chosen about equal to, or less than,
the particle mass, since the smoothing over
particles sets an upper limit to the maximum
density that can be achieved.
As can be seen from Table 2.2, changing Mc
up or down by a factor 4 does not have a sig-
nificant effect on the SFR. This results from
the two-phase structure of the ISM, which al-
lows for stable warm and cold phases of the
gas, but not for stable lukewarm gas. As
long as the value of Mc implies an instabil-
ity temperature well below that of the warm
phase Eq.(2.7) essentially selects the same
particles. This is demonstrated in Fig. 2.1,
where the straight lines correspond to a Jeans
mass equal to Mc . The two-phase structure
of the gas is easily visible in this figure. For
Mc  2:5MSPH (Fig. 2.1e), problems with lim-
ited resolution start to appear.
Collapse time
The most influential model parameter is the
collapse time for the cold gas particles, al-
though its influence is still smaller than that
of the IMF. If the collapse time is taken
very small, essentially all regions that cool
will produce stars rapidly, thus inhibiting the
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TABLE 2.2— The results for various simulations of the model galaxy NGC6503. Only star form-




=yr) Mcold (109 M) Mgas (109 M)
300 Myr < t < 900 Myr 300 Myr < t < 900 Myr t = 1:5 Gyr
observations a 0.4
standard 0.27 0.15 0.88
10,000/20,000 particles 0.25 0.14 0.88
20,000/40,000 particles 0.27 0.14 0.86
40,000/80,000 particles b 0.27 0.15 0.84
Mc = 0:63 106 M 0.25 0.26 0.91
Mc = 10:0 106 M 0.27 0.11 0.88
tc = 0:25 tf f 0.32 0.04 0.82
tc = 4:0 tf f 0.19 0.52 0.98
SF = 0:025 0.26 0.25 0.90
x = 0:01 0.06 0.02 1.18
Miller-Scalo IMF c 0.21 0.09 0.99
Scalo IMF c 0.42 0.25 0.68
Salpeter IMF d 0.34 0.15 0.81
 = 1 kpc 1 0.43 0.36 0.57
a Kennicutt 1983 b SF = 1=30 c Mlow = 0:1 M; Mup = 125 M d Mlow = 0:1 M; Mup = 30 M
growth of the cold phase. If the collapse
time is very large, it may effectively inhibit
star formation. The dashed lines in Fig. 2.1
show the collapse time as function of density
(time scale is plotted on the right axis). For
the default recipe the collapse time is 20  
100 Myr for unstable particles, which corres-
ponds roughly to the lifetimes of GMCs.
Figure 2.1f shows a simulation with an ex-
tremely long collapse time: over 1 Gyr. This
leads to a high fraction of cold gas, almost
no star formation (the simulation lasted only
1.5 Gyr) and a severe resolution problem.
Such a choice for the collapse time is not real-
istic.
Star formation efficiency
Remarkably, the star formation efficiency SF
does not influence the star formation rate, but
it has some influence on the amount of cold
gas. The formation of huge stellar clusters
destroys the cold clouds efficiently, whereas
smaller ones leave the clouds more nearly in-
tact. In the standard simulation a new star





The recipe is very sensitive to the ionization
fraction x assumed for the gas. Decreasing x
from 0.1 to 0.01 depresses the SFR from 0.27 to
0.06 M

/yr. This is due to the cooling prop-
erties of the gas, which are very sensitive to
the ionization fraction. The cooling function
at 104 K drops by a factor about 7 when x
changes from 0.1 to 0.01. This means that the
gas density must be higher by a factor 7 be-
fore it can start to cool, or, alternatively, less
stellar heat input is required to keep the gas
warm.
The ionization fraction is determined
mainly by cosmic rays and soft X-rays, heat-
ing sources that we do not include in the cal-
culations. Thus we have to adopt a value for
x. A value of x = 0:1 seems reasonable for the
solar neighbourhood (Cox 1990).
Initial mass function
The IMF directly controls the energy input
from the stellar disk. Therefore our recipe
should be very sensitive to it, and it is. In
Fig. 2.2 we show the various IMFs used in
our simulation, together with the FUV flux
for each IMF (as given by Bruzual & Char-
lot 1993). If one integrates the FUV flux
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in time the total heat input from the stel-
lar cluster is found. For mass cutoffs of
Mlow = 0:1 M; Mup = 125 M one finds
5:0  1050; 2:1  1050; 7:2  1050 ergs/M

for Salpeter, Scalo and Miller-Scalo IMFs re-
spectively, where this value is reached within
about 109 yr. These differences in heat in-
put are reflected directly in the SFR, which is
lowest for the Miller-Scalo IMF (with highest
energy input) and highest for the Scalo IMF
(with lowest energy input). As is the case
with the ionization fraction, the SFR does not
scale linearly with the heat input, but has a
weaker dependence. A Salpeter IMF with
Mup = 30 M gives a higher SFR, since the
high mass stars contribute much to the FUV
heating.
Absorption
One of the most difficult processes to include
is the absorption of the FUV photons, since
the gas column density between emitter and
receiver of the photons has to be known: this
is not easily solved in simulations of the type
conducted here. Therefore we treat our galax-
ies as optically thin for FUV photons, thus
setting an upper limit to the amount of dust
heating of the ISM. In this respect the calcu-
lated SFR is a lower limit to the actual SFR.
To mimic the effects of absorption we run
a simulation with an absorption coefficient of
1= = 1 kpc. Thus the flux an SPH particle
receives from a star particle declines not as
1=R2 but rather as exp( R)=R2 . This results
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FIGURE 2.2— The frame on the left shows the mass spectrum for three different IMFs: Salpeter, Miller-Scalo and
Scalo (straight, dotted, and dashed lines respectively), with mass limits of 0.1 and 125 M

as given by Bruzual &
Charlot (1993). The corresponding FUV fluxes versus evolution time are shown in the frame on the right.
in a much higher SFR, since stars contribute
only locally to the heating.
Summary
In summary we can say that the global star
formation parameters resulting from our re-
cipe are strongly dependent on physical in-
put parameters, while only mildly depend-
ent on model parameters. The cloud mass
Mc has virtually no influence on the SFR
or on the cold mass fraction. The collapse
time has little influence on the SFR and cold
mass fraction. The star formation efficiency
has little influence on the cold mass fraction.
The primary influence on the outcome of the
simulations is the physical process of heat-
ing and cooling of the ISM. In our simplified
model the heat input is controlled by the IMF
(and the absorption), while the cooling is con-
trolled by the ionization fraction.
2.2.3 Detailed analysis
In the previous section we discussed the
global star formation rate and the cold gas
fraction as a function of the input para-
meters. In this section we discuss one
run in detail: the highest resolution simula-
tion, which consists initially of 40,000 SPH
particles and 80,000 star particles. The model
is evolved using a time step of ∆t = 0:1, us-
ing a tolerance parameter  = 0:6 and quad-
rupole moments to calculate the gravitational
forces. The gravitational softening length
for the particles is:  = 0:02. The hydro-
dynamic properties are calculated using vari-
able smoothing lengths, such that each SPH
particle has 32 neighbours within 2 smooth-
ing lengths.
During the simulation, the energy and an-
gular momentum of the galaxy were con-
served to better than 0.2%. The simulation
was performed on a Cray J32, and took 260
CPU hours.
For this simulation Mc = 3 105 M, SF =
1=30, so newly formed star particles have a
mass of Mnew  104 M. Therefore this sim-
ulation has about the highest resolution one
can obtain with our star formation recipe: in-
creasing the resolution must be accompanied with
the input of new physics.
Evolution
First we describe the global evolution of
the galaxy. Recall that we do not start
from scratch with a gaseous protogalaxy, but
our initial conditions resemble a present-day
galaxy. We focus on the SFR, the evolution
of the various gas components, and show the
correlation between the total gas mass and
SFR.
In Fig. 2.3 the SFR is plotted against time.
The SFR immediately rises to 0:3 M

=yr and
then remains constant at 0:27 M

=yr. After
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FIGURE 2.3— The star formation rate during the sim-
ulation. After settling of the system there is a slow de-
cline of the SFR. The episodic changes in SFR are real
and not due to limited resolution.
t = 300 Myr the SFR declines slowly. At this
time all influence from the old stellar pop-
ulation, now 600 Myr old, has disappeared,
and the SFR is completely determined by new
stars. The episodic changes in SFR are prob-
ably real and due to the discrete nature of star
formation. Only if the major mode of star
formation would be in single stars, the global
SFR could smear out to a single value.
Figure 2.4 shows the gas mass as function
of time. Prominent in this figure is the ap-
proximately constant decline of the total gas
mass, which reflects the rather constant SFR.
The warm gas matches this decline perfectly,
while the cold and lukewarm gas masses stay
constant (here cold means below 1000 K). At
the end of our simulation the gas mass con-
tributes about 20% to the total galaxy mass,
with 17% being cold. If we extrapolate this
figure to a total gas mass of 0:4  109 M

,
which is 10% of the galaxy mass, we would
find that roughly half of the gas is in the cold
phase.
Figure 2.5 shows the ratio of the SFR to
the total gas mass versus time. This ratio is
remarkably constant during the simulation,
which suggests that the total gas mass con-
FIGURE 2.4— The global evolution of the gas. The
dash-dot line shows the total gas, the fully drawn line
the cold gas (T < 1000 K), the dotted line the lukewarm
gas (1000 T  8000 K), and the dashed line shows the
warm gas (T > 8000 K).
trols the global SFR of an isolated galaxy. This
explains the surprising observational result
that the SFR correlates better with the total
H I+H2 masses than with the individual gas
components (Ryder & Dopita 1994; Kennicutt
1989).
Spatial distribution
We now focus on the spatial distribution of
the star formation and analyze the situation
at t = 900 Myr. The initial stellar component
has an age of 1.2 Gyr and will no longer in-
fluence the star formation other than gravita-
tional.
Figure 2.6 shows the face-on and edge-on
distributions of several components of the
galaxy: (a) the old stellar component (the ini-
tial stellar disk), (b) the youngest stellar com-
ponent (age under 150 Myr), (c) the warm
gas, T > 8000 K, (d) the cold gas, T < 1000 K.
There are two striking features in this plot.
First there is the flocculent spiral structure
in the cold gas and young stars and the ab-
sence of it in the warm gas and old stel-
lar disk. Can we believe this spiral struc-




at t = 900 Myr. The
left column shows the
face-on distribution,
the right column the
edge-on distribution.
From top to bottom
are shown: the old
stars, the young
stars (younger than
150 Myr), the warm
gas and the cold gas.
The size of each box
is 20  20 kpc. A
random sample of at
most 10000 particles is
plotted.
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FIGURE 2.5— The evolution of the ratio of the star
formation rate to the total gas mass.
ted again, now with four regions encircled.
The characteristics of these regions are writ-
ten in Table 2.3. From this table it is clear
that the smallest group falls below our res-
olution of 32 particles, but the other groups
are resolved and are candidates for real struc-
tures. Moreover, the same spirals already
arise in the simulations presented in the pre-
vious section, with the same global appear-
ance, so that they seem to be resolution in-
dependent. Still, our evolution movies show
that these are transient structures, temporar-
ily amplified by local processes, and are cer-
tainly not ‘grand design’ spirals. We expect
to find those in our forthcoming work on in-
teracting galaxies.
The second striking feature is that the cold
gas and the young stars are confined to the
plane of the stellar disk. It means that the
gas can only cool sufficiently in the plane.
In regions outside, the density is never high
enough to allow cooling, or, conversely, the
FUV radiation is strong enough to prevent
cooling. This is in accordance with the obser-
vation that the scale height of young stars in
the Milky Way is much smaller than for the
old stars.
The radial distribution of the three gas
TABLE 2.3— Cloud mass and extreme
temperatures for the four cold cloud com-
plexes encircled in Fig. 2.7. These are listed
clockwise, starting with the lower one.




72 1.8 38 867
39 1.0 58 612
337 8.8 28 930
18 0.4 176 776
components is shown in Fig. 2.8, where (a)
shows the gas surface density against radius
and (b) shows the relative gas distribution
with radius. As can be seen from these fig-
ures most of the cold gas is in the centre of
the galaxy (over 70% of the gas there is cold),
while there is no cold gas outside 8 kpc.
The interpretation of the truncation of the
cold disk, and consequently the truncation
of the stellar disk, requires some care. Poor
resolution effects at the edge of the galaxy
may cause spurious results. Since the gas
properties are always estimated by smooth-
ing over 32 particles, SPH particles far out
may have very large kernel lengths. Clumpy
structures are improperly modeled in this re-
gime, but may exist in reality and form stars.
Another point of concern is that the observed
H I disk for NGC6503 extends to 14.55 kpc,
while we truncated it at 8 kpc. The outer gas
thus lacks the pressure of the gas that should
be surrounding it, so that it moves outward.
The outermost gas particle at t = 900 Myr is
13.6 kpc away from the centre so the effect
is indeed observed in the simulations. This
leads to lower gas densities, which might in-
hibit cooling and contraction.
The final subject we discuss is the radial
distribution of the new stars. In Fig. 2.9 we
plot the surface density distributions of the
young stars (fully drawn line) and the old
stars (dotted line) in arbitrary units, scaled
to fit in one plot. The decline of the sur-
face density is slower for the young stars,
which corresponds with the observed trend
for spiral galaxies that the scale lengths are
longer at blue wavelengths than in the red
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FIGURE 2.7— The cold SPH particle distribution at
t = 900 Myr shown face-on. The characteristics of the
four encircled regions are given in Table 2.3. The box
has a size of 16 16 kpc.
(De Jong 1996).
Recently Ryder & Dopita (1994) obtained
photometric CCD imaging data for 34 spiral
galaxies. From their I, V and H images
they find a correlation between the surface
brightness in the I-band (which measures the
surface density of the old, low-mass stars,
and this component determines the mass of
a galaxy) and the H band: SFR / Σ0:640:30I .
In a similar study Kennicutt (1989) found a
correlation between the gas density and the
H emission. Written as a Schmidt law the fit
for his sample is: SFR / 1:30:3gas .
The dashed line in Fig. 2.9 represents the
Ryder & Dopita results for the stellar surface
density, and the dot-dashed line shows the
Schmidt law with exponent 1.3. The correla-
tion of these two lines with the surface dens-
ity of the young stars is striking. The phys-
ical reason of this correlation is discussed in
x2.3.1.
Two-phase ISM
The first detailed description of the galactic
ISM was the two-phase model of Field, Gold-
smith & Habing (1969). Their model accounts
FIGURE 2.8— The spatial distribution of the gas. a:
surface density of the various components; b: mass
fractions occupied by these components. The dash-dot
line represents the total gas, the fully drawn line the
cold gas, the dotted line the lukewarm gas, and the
dashed line the warm gas.
for what we call the warm and cold gas, but
not for the hot gas. Since our simulations
do not include supernovae we do not get
the three-phase model of McKee & Ostriker
(1972), but the two phases are reproduced
faithfully in our simulations.
In the standard two-phase model there is a
limited range of thermal pressures for which
there are two solutions for the gas density.
Very low density gas is always warm, while
very high density gas is always cold. In
between the gas may be either. Starting with
a warm, low density gas, one may increase
the density until a certain fixed point. If the
density is increased above that critical value
the gas cools rapidly and will keep that low
temperature when the density is increased
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FIGURE 2.9— The spatial distribution of the young
stars compared with that of the old. The thick line
gives the young stellar surface density against radius,
the dotted line shows the old stellar surface density,
the dot-dash line shows Kennicutt’s (1989) Schmidt law
(1:3gas), and the dashed line gives the Ryder & Dopita
(1994) fit for the star formation (0:64

). The (surface)
densities are scaled to fit in one plot.
further (see e.g. Wolfire et al. 1995), as long
as the heating rate is constant.
In our simulations the heating rate de-
pends on position and time. This implies
that the critical density is similarly depend-
ent. This behaviour is shown in the two phase
diagrams of Fig. 2.10. Figure 2.10a displays
the density versus temperature, where the
grey-scale coding denotes the heating rate. To
one colour, meaning one heating rate, corres-
ponds one critical density. If the density is
lower than that, the gas is warm, while if the
density is higher the gas is cool. The spread
in heating rates thus explains the spread in
density for the cold gas component.
Figure 2.10b shows the heating rate plot-
ted against the pressure, where the grey-
scale coding now denotes density. The gas
particles that are plotted are all in the plane
of the disk. The motion of the particles is il-
lustrated in Fig. 2.11 and explained below.
Consider a particle at, say, log P =  3:0
and log Γ = 1:0 having a temperature of
104 K. If the density does not change, the
particle only moves upward in the diagram
if the heating increases, and downward oth-
erwise. The latter happens if no stars form
in the neighbourhood. The particle moves
down (dotted line in Fig.2.11) until it reaches
the sharp transition at log Γ  0:3 (indic-
ated by the straight line). There the particle
reaches its critical density (or critical heat-
ing). If the heating continues to decrease
the particle cools rapidly to about 100 K
and moves to the left in the diagram to
log P   4:5. As long as no new stars form
nearby the heating decreases steadily and the
gas particle contracts with its neighbours to
higher density and lower temperature, thus
moving down and left. This process will stop
if a new star is formed, which heats the gas,
letting the gas particle jump to its original po-
sition (dashed line).
Interesting in this phase diagram is that
we can immediately see why particles out-
side the galactic plane cannot cool. Particles
outside the plane only occupy the region left
of log P   4. These mostly move up and
down in the diagram. The crucial point is
that such particles cannot reach the line giv-
ing the critical heating (there is a gap between
the particles and the line), so they will never
be able to cool and collapse: no star formation
can occur.
2.3 Discussion
The most prominent outcome of our simu-
lations is the self-regulating character of the
star formation. It is almost impossible to
change the SFR unless one changes the gross
physical properties of the parent galaxy. The
explanation for the self-regulation is due to
the star formation coupling back into the
ISM, and can be viewed as thermal equilib-
rium of the ISM. If many stars form, the ISM
heats up, the amount of cold gas declines,
and the SFR must also decline. If only few
stars form, the ISM cools down, the amount
of cold gas increases and the SFR goes up.
This effect has been discussed previously, e.g.
in the chemo-dynamical models of Burkert,
Truran & Hensler (1992).
Without additional constraints the simula-
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FIGURE 2.10— Phase diagrams for the
SPH particles at t = 900 Myr. The upper
diagram (a) shows temperature against
density, while the grey-scale denotes
the heating, black particles receive low-
est heating, light grey particles receive
most heating; the lower diagram (b)
shows heating against pressure, where
the grey-scale denotes the density, black
particles have lowest density, light grey
particles have highest density. The
two-phase structure of the ISM is espe-
cially clear. The diagram only shows
the particles in the plane of the galaxy.
Those above and below the plane oc-
cupy the region of log P <  4, and these
particles are all warm.
tions produce a power law dependence of the
SFR on the gas density, flocculent spiral arms
and truncation of the stellar disk. The phys-
ical reasons for these processes are the follow-
ing.
2.3.1 Schmidt law
Due to the self-regulation of the star forma-
tion the two major players in determining the
SFR are the gas volume density and the heat-
ing rate. In a stellar disk that is much heav-
ier than the gas disk the scale height of the
gas (and hence its density) is completely de-
termined by the stellar disk. Descriptions of
the gas density for a gas layer embedded in
an isothermal stellar disk can be found in e.g.
Dopita & Ryder (1994) and Bottema (1996).
If the z-density distribution is described by
an exponential (z) = 0 exp( z=z0) the mid-
plane velocity dispersion vg of the gas is
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FIGURE 2.11— The motions of SPH particles in the
phase diagram of Fig. 2.10b. The dotted line shows
the trajectory of an SPH particle in the inner part of the
galaxy. For particles farther away from the centre, the








where T is the total matter surface dens-
ity (Dopita & Ryder 1994). In those regions
where 

> g and z > zg (both conditions
are true for our model galaxy within about 4














Observations of the velocity dispersion in ex-
ternal galaxies indicate that vg is roughly con-
stant among galaxies (Van der Kruit & Shos-
tak 1984). Neutral hydrogen observations
further show a variety of shapes of the H I
surface density, but in general this is almost
constant compared to the stellar surface dens-
ity (see e.g. Cayatte et al. 1994). Together with





The other component we have to know is
the heating rate as function of radius. In the
case of an optically thin ISM the heating rate










where  is the FUV-flux/mass ratio. This in-
tegral cannot be solved analytically, but nu-
merical integration shows that out to about 5
scale lengths the heating rate in the plane of
the galaxy, resulting from a thin stellar disk,
is well represented by
ΦFUV(R) = ΦFUV(0) exp(0:75R=h ): (2.20)





If there are no large gradients in the abund-
ance of elements heavier than helium, the
cooling properties of the gas are the same
everywhere. Then in order to maintain
thermal equilibrium, the radial dependence
of the heating rate must equal the radial de-












in perfect agreement with the results of Ryder
& Dopita (1994) and Kennicutt (1989).
2.3.2 Spiral structure
Now return to Fig. 2.6, and consider once
more the flocculent spirals that are visible
in the cold gas and young stellar disk. The
lack of spiral structure in the old stellar disk
means that the spiral structure in the cold gas
is not due to a density wave. The structure
must be due to the dissipational nature of the
gas, which allows for clustering of the gas
in large assemblies. The shear of the disk
then causes the (trailing) spiral shape. The
same conclusion about the origin of floccu-
lent spiral structure has been reached by El-
megreen & Thomasson (1993) using 2D sim-
ulations.
The young stars also show this spiral struc-
ture since they form out of these cold spiral
filaments. This is, in effect, the stochastic star
formation mechanism (Seiden & Schulman
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1990), with the physical driver being the mo-
lecular cloud complexes. Apparently there
is no need for supernovae to stimulate star
formation, although it might help to make the
spiral structure more pronounced. Note, by
the way, that this finding by no means ex-
cludes the usual swing amplification or dens-
ity wave mechanisms for ‘grand design’ spir-
als, as we hope to show in our subsequent
work.
2.3.3 Truncation
An interesting effect seen in the simulations is
the sharp truncation of the cold gas disk and
consequently of the young stellar disk. Trun-
cation of galaxies is seen in edge-on galaxies,
where the cut-off radii occur at about 4 radial
scale lengths (Van der Kruit & Searle 1982;
Bosma & Freeman 1993), while in our sim-
ulations this truncation occurs at approxim-
ately 6 scale lengths. The traditional explan-
ation for truncation of a spiral galaxies in-
vokes the angular momentum distribution of
a collapsing protogalaxy, where the material
with the highest specific angular momentum
settles at a radius of about 4.5 scale lengths
(Van der Kruit 1987).
Here we propose a thermal mechanism for
the truncation. Although the interpretation in
our simulations is complicated, it is interest-
ing to see that the FUV radiation of the young
stellar disk is capable of heating the entire gas
disk. We can make a rough estimate of the
conditions under which this effect could in-
deed prohibit star formation outside the stel-
lar disk, using the radiation field and the gas
density.
The radiation field outside the stellar disk
declines with radius as 1=R2 due to geomet-
rical dilution, where absorption is very un-
likely to be important. The gas scale height
hg outside the stellar disk is determined by
the halo and increases linearly with radius. If
the gas is always warm, the density  must
decrease at least as fast as the radiation field.
Since  = hg this implies that the gas surface
density  should decline at least as 1=R.
Note that we do not include any ex-
tragalactic radiation field in our simulations.
Inclusion of such an external field requires
less heat input from the stellar disk for heat-
ing the gas. Consequently the truncation will
occur closer to the centre.
Abundance gradients may alter the situ-
ation greatly. If the gas outside the stellar disk
is less enriched with heavy elements than the
disk gas, it might be more difficult to heat
the outer gas. On the other hand, this gas
cools less efficiently. If the latter effect domin-
ates, the requirement of a gas surface density
which declines as 1=R can be relaxed, making
truncation due to heating more likely.
2.4 Conclusions
Our approach to the inclusion of star form-
ation produces galaxies that are similar to
those observed, despite the limited amount
of physics that has been put in. Effects that
should be incorporated in the future are mass
loss from stars in the form of supernovae and
stellar winds, metallicity effects, ionization
balance and a finite opacity.
Strong points of the recipe are its simpli-
city, the fact that it based on global proper-
ties (such as the Jeans criterion and radiative
heating), the weak dependence on the model
parameters and the strong dependence on the
physical ingredients.
Our simulations produce self-regulated
star formation due to thermal equilibrium of
the ISM. They provide plausible explanations
for flocculent spiral structure and truncation
of galactic disks.
It is important to note that the TREESPH
code does not require any special geometry.
By its nature it is very well suited for three-
dimensional problems such as interacting
galaxies. We intend to run simulations of
star formation in interacting starburst galax-
ies, simultaneously solving the complicated
stellar radiation field, the highly inhomogen-
eous gas density and the dynamical heating.
If we discard the dynamical heating the SFR
should be approximately linearly correlated
with the gas density in the starburst regions,
since stellar heat input from outside is un-
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important. Simulations of this kind will be
presented in a future paper.
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